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ABSTRACT
We study the effect of baryons on the inner dark matter profile of the first galaxies
using the First Billion Years simulation between z = 16 − 6 before secular evolution
sets in. Using a large statistical sample from two simulations of the same volume
and cosmological initial conditions, one with and one without baryons, we are able
to directly compare haloes with their baryon-free counterparts, allowing a detailed
study of the modifications to the dark matter density profile due to the presence of
baryons during the first billion years of galaxy formation.. For each of the ≈ 5000
haloes in our sample (3 × 107 M ≤ Mtot ≤ 5 × 109 M), we quantify the impact of
the baryons using η, defined as the ratio of dark matter mass enclosed in 100 pc in the
baryonic run to its counterpart without baryons. During this epoch of rapid growth
of galaxies, we find that many haloes of these first galaxies show an enhancement of
dark matter in the halo centre compared to the baryon-free simulation, while many
others show a deficit. We find that the mean value of η is close to unity, but there is
a large dispersion, with a standard deviation of 0.677. The enhancement is cyclical in
time and tracks the star formation cycle of the galaxy; as gas falls to the centre and
forms stars, the dark matter moves in as well. Supernova feedback then removes the
gas, and the dark matter again responds to the changing potential. We study three
physical models relating the motion of baryons to that of the dark matter: adiabatic
contraction, dynamical friction, and rapid outflows. We find that dynamical friction
plays only a very minor role, while adiabatic contraction and the rapid outflows due
to feedback describe well the enhancement (or decrement) of dark matter. For haloes
which show significant decrements of dark matter in the core, we find that to remove
the dark matter requires an energy input between 1051 and 1053 erg. For our SN
feedback proscription, this requires as a lower limit a constant star formation rate
between 0.002 and 0.2 M/yr for the previous 5 Myr. We also find that heating due
to reionization is able to prevent the formation of strong cusps for haloes which at
z ∼ 12 have ≤ 108 M. The lack of a strong cusp in these haloes remains down to
z = 6, the end of our simulation.
Key words: cosmology: dark matter – galaxies: high redshift
1 INTRODUCTION
The currently favoured standard paradigm for structure for-
mation, the ΛCDM model, assumes that the matter density
in the Universe is dominated by dark matter that collapses
under the influence of self-gravity to form bound haloes.
Simulations using only dark matter (DM) (e.g. Navarro
et al. 1996, 1997; Navarro et al. 2004; Maccio` et al. 2007)
have shown that the DM haloes generally follow a universal
(NFW) density profile,
ρ(r) =
ρs
(r/rs) (1 + r/rs)
2 , (1)
which has an inner profile proportional to r−1. We note,
however, that other profiles have been proposed in the lit-
erature; Merritt et al. (2006) tested seven different profiles
and found that the Einasto profile (Einasto & Haud 1989)
gave better fits than the NFW profile to their sample of
galaxy and cluster size dark matter haloes. Navarro et al.
(2004) also found similar results with their halo sample. Ex-
© 0000 RAS
ar
X
iv
:1
31
1.
11
09
v2
  [
as
tro
-p
h.C
O]
  2
8 J
ul 
20
14
2 Davis et. al
tremely high resolution simulations have shown that inside
the radius where the density slope is proportional to r−2, the
NFW profile underpredicts the density, leading to a steeper,
cuspy central profile (Navarro et al. 2004; Diemand et al.
2005); this cuspy behavior is better captured by the Einasto
profile.
Dark matter profiles are subject to change when
baryons fall into the halo potential, cool, and collapse to the
centre; hence it is not surprising that in contrast to predic-
tions from simulations, observations of dwarf galaxies have
shown that a central cusp is not a good fit to the DM den-
sity profile (Flores & Primack 1994; Moore 1994; Burkert
1995; Swaters et al. 2003; Kuzio de Naray et al. 2009; Oh
et al. 2011; Salucci et al. 2012). Instead of a central cusp,
the DM density flattens to a core-like profile, which can be
well fit by a Burkert profile which has an inner slope of zero
instead of −1 (Burkert 1995). Some observed galaxy cluster
haloes also show a central flattened profile (El-Zant et al.
2004; Sand et al. 2008; Newman et al. 2009). Various pro-
posals have been given to explain the difference between the
simulations and observations of dark matter haloes of dwarfs
and clusters.
One class of explanations argues against the ΛCDM
model. Recently, Maccio` et al. (2012) discussed the pos-
sibility that warm DM could produce a core profile (see
also Moore 1994). However, they found that the warm DM
model which produces the flatter core also severely under-
produces the total number of dwarf galaxies. To address
this problem, a mixed cold-warm DM model was then pro-
posed (Maccio` et al. 2012) to produce a cored profile without
significantly affecting the halo mass function down to halo
masses of 1010 M. However, they find that the concentra-
tion of the dark matter haloes is only modified for haloes
with masses less than 1012 M; thus this model is unable to
explain the flattened density profiles of cluster-scale haloes.
Wechakama & Ascasibar (2011) investigated the possibil-
ity that DM self annihilation could produce enough pres-
sure support to explain the dwarf galaxy rotation curves.
However, their canonical model has only a small effect in
low-surface brightness dwarf galaxies. They note that a par-
ticular dark matter candidate may be found which can ex-
plain the flattened rotation curves with a cuspy dark matter
density curve. However, their model predicts prominent dif-
ferences between the kinematics of the stars, neutral gas and
ionized gas, which have not been observed.
Another class of proposals uses interactions between
baryons and the DM to flatten the central DM profile. One
possibility for removing a cusp is through rapid outflows of
baryons which modify the gravitational potential in the cen-
tre of the halo. As long as the outflow is rapid compared to
the local dynamical time, there will be a net energy gain in
the DM, even if upon recollapse the potential returns to its
initial configuration (Pontzen & Governato 2012; Teyssier
et al. 2013). This process has been shown to be effective in
simulations at both high redshifts (Mashchenko et al. 2008)
and low redshifts (Governato et al. 2010, 2012; Maccio` et al.
2012; Di Cintio et al. 2014) in which the source of the out-
flow is from supernova feedback. Maccio` et al. (2012) also
discussed how an offset between the baryonic and DM po-
tential minima can destroy a central cusp. They showed that
feedback can displace the gas such that the location of the
baryonic potential well varies significantly with time. As the
gas cycles in and out of the central region of their galaxy,
they find that the halo’s cusp is flattened to a core profile
which matches the observed galaxy sample of Donato et al.
(2009). Governato et al. (2012) found that all dwarf haloes
in their sample with 1010 M < Mvir < 1012 M had cored
profiles which matched the THINGS (Walter et al. 2008)
and LITTLE THINGS (Hunter & LITTLE THINGS Team
2012) surveys of nearby field dwarf galaxies. Di Cintio et al.
(2014) report that the inner profile depends on the stellar
to halo mass ratio. They argue that haloes with few stars
can not source the winds required to create a cored pro-
file. AGN feedback can also source these outflows in larger
haloes (Gaibler et al. 2012; Martizzi et al. 2012). In particu-
lar, Martizzi et al. (2012) also found that even slow outflows
generated during the quiescent AGN phase can cause the
DM to adiabatically expand.
However, a single outflow may not fully provide the so-
lution to the core-cusp problem. Ogiya & Mori (2011) found
that the potential change due to one baryonic outflow in
their simulation was not effective enough to match obser-
vations of local dwarf galaxies with flattened profiles. Gov-
ernato et al. (2012) and Teyssier et al. (2013) both found
that repeated outflows over at least one Gyr are required
to drive a systematic cusp to core transition. Thus, in our
study of galaxy formation during the first billion years, we
do not expect to see global systematic core formation as we
do not simulate more than one Gyr and are interested in the
physical mechanisms involved during structure formation of
the first galaxies.
Dynamical friction provides another channel for
baryons to transfer energy to the DM. El-Zant et al. (2001)
have shown that dynamical friction by massive infalling
gas clumps can destroy a central DM cusp. They reported
that only ≈ 0.01% of the total halo mass needs to be in
the clumps to destroy the cusp; El-Zant et al. (2004) con-
firmed this same mass fraction is required to destroy a cusp
in galaxy clusters as well. There are a variety of sources
of these gas clumps, including cosmological infall (El-Zant
et al. 2004; Tonini et al. 2006; Romano-Dı´az et al. 2008) and
feedback generated clump formation (Maccio` et al. 2012).
Infalling super massive black holes can also transfer their
orbital angular momentum to the DM via dynamical fric-
tion (Martizzi et al. 2012).
In addition to baryonic clumps, infalling DM subhaloes
may destroy a cusp by dynamical friction (Ma & Boylan-
Kolchin 2004). They find that the ability of a subhalo to
destroy a cusp depends on the main halo’s merger history,
the subhalo concentration, and the total mass fraction in
subhaloes. More concentrated subhaloes and smaller sub-
halo mass fractions leads to a stronger total decrease in the
central density. Larger mass fractions in subhaloes create a
stronger cusp simply due to the increase in total DM mass
at the halo centre, and less concentrated subhaloes suffer
too much tidal loss before reaching the central regions of
the main halo.
Feedback effects on infalling gas will affect its ability to
destroy the cusp. Pedrosa et al. (2010) have shown that in
cases with strong supernova feedback, the baryons in the in-
falling satellites were disrupted at large radii, inhibiting an-
gular momentum transfer in the central regions of the main
halo. They therefore concluded that haloes which are dom-
inated by smooth gas accretion (and hence show disk-like
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configurations) show more concentration than haloes which
show a spheroidal stellar system formed via multiple merg-
ers (see also Pedrosa et al. 2009). Abadi et al. (2010) also
found similar results; their haloes with active merger his-
tories were less concentrated than haloes with smooth ac-
cretion. However, Dutton et al. (2011) came to the opposite
conclusion, based on their attempts to simultaneously match
the observed slopes and zero-points of the Faber-Jackson
and Tully-Fischer relations to their analytic mass models of
galaxies and their host dark matter haloes. They found that
early type galaxies favored models with strong halo con-
traction, while late type galaxies favored models with halo
expansion. Thus, it remains unclear how formation histories
affect the final state of the halo.
Studying the inner slope of the dark matter halo re-
quires high spatial resolution in the inner regions of the halo.
This is difficult to obtain in cosmological simulations, unless
one zooms in on a few pre-selected haloes (e.g. Governato
et al. 2012). However, a fully cosmological simulation is re-
quired so as to fully capture the range of halo formation
histories seen in a large statistical sample. This makes it
difficult to simulate a large statistical sample of low redshift
dwarf galaxies, due to the trade-off between resolution and
computing power. Thus matching simulations of local dwarf
galaxies with observations in large statistical sample is still
computationally challenging and not the focus of this paper.
In this work, we study the dark matter haloes of the
first galaxies during the first billion years.. With a large
statistical sample of high redshift galaxies in a cosmologi-
cal context, we are able to study which physical processes
are most important in modifying the DM density profile at
early times. This is of particular interest given upcoming
observations with the James Webb Space Telescope and the
European Extremely Large Telescope that plan to study the
structure of galaxies with M∗ ∼ 108 M at z ≥ 6. Thus, un-
derstanding their structure will be critical to interpreting
the observations. Furthermore, these galaxies are forming
in a unique epoch. Haloes are undergoing rapid growth via
accretion (Dekel et al. 2009), and galaxies show on average
rising star formation rates driven by large accretion rates of
gas (e.g Finlator et al. 2011). In addition, the merger times
are short, leading to many rapid mergers (e.g. Khochfar &
Silk 2011). With this rapid growth via accretion and merg-
ers, the first billion years of galaxy formation provides an
interesting time in which to study the evolution of the cen-
tral DM density profile.
Our aim in this paper is threefold. First, we wish to mea-
sure the DM density profile of high-redshift haloes hosting
the first galaxies, and determine the impact of baryons by
comparing simulations with and without baryons. Second,
we seek to follow the time evolution of the profile. Thirdly,
in a cosmological context, we study which physical processes
drive evolution away from the NFW profile. The outline of
the paper is as follows. We describe the First Billion Years
(FiBY) Project used in our analysis in Section 2. We present
the results of our simulations in Section 3, and discuss the
various physical processes which affect the modifications in
the DM profile in Section 4.
2 THE FIBY PROJECT
The FiBY Project is a suite of simulations designed to model
the formation of the first stars and galaxies in a cosmolog-
ical context (Khochfar et al., in preparation; Dalla Vecchia
et al., in preparation). We describe in this section the code
and physical models used in FiBY, and refer the interested
reader to the above papers for more details. The FiBY simu-
lation uses the SPH code GADGET-2 (Springel et al. 2001;
Springel 2005) as modified by the OWLS project (Schaye
et al. 2010). We use a cosmological model consistent with re-
cent WMAP results: ΩM = 0.265, ΩΛ = 0.735, Ωb = 0.0448,
H0 = 71 km/s/Mpc, and σ8 = 0.81 (Komatsu et al. 2009).
The OWLS code includes line cooling for eleven elements
(H, He, C, N, O, Ne, Mg, Si, S, Ca, Fe) in photo-ionization
equilibrium (Wiersma et al. 2009). Cooling tables were cal-
culated using CLOUDY v07.02 (Ferland 2000).
Gas particles are converted into a Population II star
particle using a pressure law as described in Schaye & Dalla
Vecchia (2008) and follow a Chabrier IMF (Chabrier 2003)
with a mass range of 0.1 − 100 M. The density threshold
for star formation is nH = 10 cm
−3 (Maio et al. 2009). Star
particles continuously release H, He, and metals into the
surrounding gas, with the metal yields based off of models
of SNIa, SNII, and AGB stars. The details of the metallicity
feedback and diffusion are given in Tornatore et al. (2007)
and Wiersma et al. (2009).
The FiBY Project implements additional physical mod-
els to include star formation in metal free gas. We include
a primordial composition chemical network and molecular
cooling for the H2 and HD molecules (Abel et al. 1997; Galli
& Palla 1998; Yoshida et al. 2006; Maio et al. 2007). We al-
low for Population III (Pop III) star formation in gas with
metallicities less than Zcrit = 1.545 × 10−4 Z (Maio et al.
2011), where we assume Z = 0.013. These Pop III star par-
ticles return metals back into the surrounding gas with yields
from Heger & Woosley (2002) and Heger & Woosley (2010).
We use a top heavy Salpeter IMF (Salpeter 1955) with a
mass range of 21 to 500 M (Bromm & Loeb 2004; Karlsson
et al. 2008). Once the Pop III stars die, their remnants are
treated as black hole particles, which grow as described in
Booth & Schaye (2009).
The FiBY code includes thermal feedback from super-
novae, following Dalla Vecchia & Schaye (2012). In this
model, star particles inject enough thermal energy stochas-
tically to their neighbors to ensure that the radiative cooling
time is longer than the local sound-crossing timescale. With
this method, radiative cooling does not need to be turned
off to ensure efficient conversion of thermal energy to kinetic
outflows. In this model, there are only two free parameters.
First is the fraction of the supernova’s energy to inject into
the gas, fh, which we set equal to unity. Thus, for each su-
pernova, 1051 ergs are injected into the surrounding gas. The
second free parameter is the desired increase in temperature
(or energy) so as to ensure a long radiative cooling time. We
use the fiducial value from Dalla Vecchia & Schaye (2012)
of ∆T = 107.5 K.
Reionization is incorporated in FiBY using the uni-
form UV background model of Haardt & Madau (2001).
Prior to z ≈ 12, we use collisional ionization equilibrium
rates, and after z ≈ 9 we use photoionization equilibrium
rates. During the epoch of reionization, we gradually change
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from collisional to photoionization rates. As suggested in
Nagamine et al. (2010), we include self-shielding of dense
gas against ionizing radiation. This shielding occurs for den-
sities of nH ≥ 0.01 cm−3 and scales as the inverse square of
the density. Our reionization model is self-consistent with
the emissivity from the galaxies in our FiBY simulation as
shown in Paardekooper et al. (2012).
For this work, we used the FiBY S simulation, which
has a box size of 4 Mpc comoving, with 2 × 6843 parti-
cles in gas and DM. This gives a DM particle mass of
mDM = 6161.5 M, and an initial gas particle mass of
mg = 1253.6 M. The spatial resolution is given by the
gravitational softening parameter,  = 166 pc/h comoving,
which at z = 6 gives a physical spatial resolution of 33 pc.
We evolve the simulation from z = 127 down to z = 6.
In conjunction with this simulation, we also ran a DM
only simulation, the FiBY DM. This simulation used the
same initial conditions as the FiBY S simulation, allowing
us to make direct comparison between haloes with and with-
out baryons. For the sake of clearer distinction between these
two simulations, we will refer to the FiBY DM as DMO and
the FiBY S as FiBY for the remainder of this paper. The
mass of the dark matter particles in the DMO simulation
are a factor of ΩM/(ΩM − Ωb) more massive than the DM
particles in the FiBY simulation. When comparing the dark
matter mass between the DMO and FiBY simulations, we
scale the DMO mass down to match the FiBY particle mass.
To identify the haloes in our simulation, we use the
SUBFIND algorithm of Springel et al. (2001), as modified
to include baryons in Dolag et al. (2009). This algorithm first
runs a standard FOF search only on the DM particles, with
a linking length of 0.2 times the mean particle separation.
Gas, star, and black hole particles are then assigned to the
same FOF halo as their closest DM particle. The density of
each particle in the FOF halo is then estimated using the
standard SPH kernel over the nearest 48 neighbors. Finally,
substructures are located within a FOF halo by searching for
local over-densities. These substructures are then checked
for gravitational boundedness, including the thermal energy
of the gas in the check. The virial radius for each subhalo is
then calculated as the radius which encloses an over-density
of 178ρcrit.
Once the subhaloes are identified in both the DMO and
the FiBY runs, we cross-match the halo catalogues. This is
done by first identifying all subhaloes in the FiBY run at
the final snapshot (z = 6) which have MDM ≥ 3 × 107 M
(≥ 5000 DM particles) and are also the main subhalo in
their FOF halo. We then search the DMO catalogue for the
corresponding subhalo, ensuring that the DMO centre is lo-
cated within 4 kpc (distances are physical unless otherwise
noted) of the FiBY subhalo centre, roughly the virial radius
of a 109 M halo at z = 6. (In what follows, we use the term
’halo’ to refer to a subhalo in this sample, and NOT to its
host FOF halo.) We use the location of the particle with the
minimum potential energy as the centre of the halo. There
are three cases where the closest halo in the DMO simula-
tion is slightly further away than this cut. In these cases, the
haloes are in the process of falling into a neighboring FOF
halo, and are simply at different positions in the infalling
orbit. On average haloes are separated by ≈ 200 pc between
the DMO and FiBY simulations.
In addition, it is possible that in the FiBY run, the par-
ticle with the minimum potential is a baryonic particle, and
not a dark matter particle. This may induce a systematic
offset between the centres of the FiBY and DMO haloes. At
z = 6, 137 out of 751 FiBY haloes have a baryonic particle
(predominantly stars) at the potential minimum. For these
haloes, we measured the distance to the closest dark matter
particle (which also is always the most bound dark matter
particle), and find a mean offset of 11.0 pc and a standard
deviation of 4.3 pc, well within the gravitational softening
length at all redshifts. In addition, our choice of center will
impact measurements of enclosed mass in the halo centre.
We have also defined a centre using a shrinking sphere algo-
rithm, and found good agreement with results using the cen-
tre of the potential. In most halos, the two centres matched
within one gravitational smoothing length.
In comparing the same haloes from the DMO and FiBY
runs, we find that the DMO halo is nearly always more mas-
sive than the total mass of its FiBY counterpart. The dif-
ference is of order 5% for haloes with Mtot > 10
8 M and
10% for less massive haloes. The mass difference between
the FiBY and DMO simulation is due to the fact that the
baryons in the FiBY simulation can be heated and pushed
out of the halo. The virial radius in the DMO simulation is
also slightly larger than the FiBY halo by 5%.
We then follow the most massive progenitors of each
halo back in time until the progenitor has less than 5000 DM
particles, allowing us to track the evolution of the density
profile in our haloes. The merger trees are based on the
algorithm in Springel et al. (2001) and were generated using
code developed by Neistein et al. (2012). In this method, a
halo B at redshift zB has a progenitor halo A at redshift
zA > zB if at least half the particles – including the most
bound particle – in A are in B at zB . We have a total of
793 haloes in the FiBY simulation at z = 6 which meet our
mass threshold. After including all their progenitors which
also meet the mass threshold, we have a total of 5217 haloes
in our sample, as well as their counterparts in the DMO
simulation.
3 RESULTS
3.1 Density Profile
We first compare the density profiles of the FiBY haloes with
their counterparts in the DMO simulation. The profiles are
generated using a binned histogram such that each bin has
an equal number of particles in it. We show in Figure 1 sam-
ple density profiles for haloes which show an enhancement of
DM in the central regions (top row) and haloes which show
a decrement of DM in the central regions (bottom row) com-
pared to their DMO counterpart. Over-plotted are the best
fitting NFW profiles (eq. 1) using a Levenberg-Marquardt
least-squares fit to the data (Markwardt 2009) for both the
DMO halo and the FiBY halo, as well as the fractional differ-
ence between the halo density profile and the NFW profile.
We find that the FiBY haloes may begin to deviate from
their DMO counterparts at radii up to 20% of the virial ra-
dius, with most halos deviating in the inner 10% of the virial
radius. Thus, the presence of the baryons can affect the dark
matter profile to a significant fraction of the virial radius. In
addition, the concentration increases for haloes which show
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a DM enhancement, as is noted in Figure 1; we discuss the
change in concentration more in Section 4.
We note that the NFW profile generally does a poor job
of fitting the DM profile inside 0.1Rvir, often even for the
DMO haloes, implying that the NFW may not be the best
choice of profile. In this study, we focus on comparing the
DMO to FiBY haloes rather than comparing them to any
particular model, which we will do in a follow-up study. As
such, we do not use the fitted profiles for quantifying how
the DM profile has changed between the DMO and FiBY
simulations. We only show the NFW profiles in Figure 1 to
guide the eye.
3.2 Enhancement
To quantify the change in the DM structure due to the pres-
ence of baryons, we define the enhancement, η, such that
η ≡ M
FIBY
DM (< Rc)
MDMODM (< Rc)
(
Ωm
Ωm − Ωb
)
, (2)
where the masses are the enclosed DM mass inside a cut-
off radius, Rc, for the FiBY and DMO simulations respec-
tively. The final term scales the mass of the particles in the
DMO simulation to that in the FiBY run. The centre of
the halo is defined as the location of the particle with the
minimum potential energy. We use 100 pc as our fiducial
cutoff radius, though we have also measured η inside 200 pc,
and find qualitatively similar results; haloes which show en-
hancement within 100 pc also show it within 200 pc, though
to a lesser amount. For the haloes in our redshift and mass
range, 100 pc varies between 2% and 20% of the virial radius.
We use a fixed physical radius to better follow the evolution
of the halo by ensuring that changes in the evolution of η
are not simply due to measuring η at a larger radius. For the
smallest haloes in our sample (Mtot ≈ 3× 107 M), we have
on average 150 dark matter particles inside Rc = 100 pc.
The mass enclosed by Rc is usually between 0.5% and 5%
of the halo’s total mass. We find that the mass difference
between the FiBY and DMO haloes within Rc is of order
1% of the DMO halo’s virial mass.
In Figure 2, we show (top panel) the histogram of η
measured at 100 pc (black) and at 200 pc (blue), as well as
(bottom panel) the fractional difference in η for all the haloes
in our sample. In the histogram, the high η tail is still present
at 200 pc, just with smaller values of η. The width of the
distribution is also slightly smaller at 200 pc, due to the
smaller modifications to the dark matter profile at larger
radii.
We first address trends of η with halo mass. In Figure
3, we plot η versus Mtot for all the haloes in our sample
at all redshifts. The mean value of η for entire distribution
is η¯ = 0.94, the median value is 0.87, and the standard
deviation is σ2η = 0.495. The solid blue curve shows the
trend of η¯ with total halo mass and the error bars denote
the 1 − σ deviation in each mass bin. We find the trend
with mass is flat until Mtot ≈ 6 × 108 M, when it rises
with increasing halo mass. The deviation also increases with
increasing mass, implying that not all haloes experience the
same growth in η.
In Figure 4 we show the probability distribution of η for
our haloes (top panel). In blue, we show the sum of two log-
normal distributions fit to the distribution. The central log-
normal peaks at 〈log η〉1 = −0.059 and has a width of σ1 =
0.134, while the second log-normal has 〈log η〉2 = −0.085
and σ2 = 0.376. There is a tail at large values of η, which is
dominated by massive haloes (Mtot ≈ 109). We fit the high η
residuals with another log-normal, denoted in the top panel
with a dashed blue curve. This fit has a center at 〈log η〉 =
0.67 and a width of σ = 0.1. In the lower three panels,
we show the probability distribution of η in three mass bins:
Mtot > 8×108 M, 8×107 M < Mtot < 3×108 M, and 3×
107 M < M < 8× 107 M. As can be seen, the distribution
is roughly log-normal, however at high masses, there is a
high η tail, while at lower masses, there is a tail at both
ends of the distribution. For the three mass bins (highest
to lowest) the mean values of η are η¯ = (1.54, 0.887, 0.907),
the median values are (0.879, 0.855, 0.877) and the standard
deviations are 1.63, 0.274, 0.264.
Our definition of η is an integral measurement of the
density profile inside Rc. We can also use the slope of the
density profile to determine the effect baryons have on the
central dark matter profile. We measure the power law index
of the DM profile, β = dlog ρ/dlog r, at Rc by fitting a power
law to the density profile between 50 and 150 pc for both the
FiBY and DMO simulations. We then look at the change in
β between the two simulations as a function of η and show
the correlation in Figure 5. We find a moderate correlation
between η and βFiBY − βDMO, with a Spearman correlation
coefficient of −0.534. Haloes with large enhancements show
steeper slopes in the core than their DMO counterpart, while
haloes showing a decrement have flatter profiles than their
counterpart, albeit with some scatter. In this paper, we wish
to focus on the more robust integrated mass comparison, η,
between the DMO and FiBY haloes.
3.3 Cycles of Enhancement
In addition to having large values of η, the haloes in the
high mass bin of Figure 4 also show increased variations
in η during the first billion years of their evolution. While
the overall trend with increasing halo mass is to increasing
η, we find that individual haloes cycle through periods of
high and low enhancement. The change in η is largest for
the high mass haloes, but lower mass haloes also show sim-
ilar cycles though of lesser magnitude. We show in Figure
6 the evolution of η for six haloes (black curves), showing
the cyclical evolution of η. Over-plotted in blue is the evo-
lution of the star formation rate (SFR) inside Rc for these
haloes (blue curves). We find that peaks in the η evolution
correlate with peaks in the SFR at the centre of the galaxy.
We show the central SFR versus η for all haloes in Figure 7.
Haloes with no central star formation are assigned a value
of 10−7 M/yr. We find a clear trend between SFR and η
for SFR > 10−3 M/yr.
A high value of star formation requires dense gas in the
galaxy core. As this dense gas falls to the galaxy centre, the
DM is brought in as well generating an enhancement over
the DMO halo counterpart, hence the connection between
SFR and η. We explore a physical model to explain this
enhancement in more detail in Section 3.4. After the gas
is converted to stars, feedback heats the gas and expels it
from the galaxy centre. Hence, the star formation also drops.
The drop in SFR parallels the drop in η, implying that en-
ergy from the feedback is transferred to the DM. We explore
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Figure 1. Dark matter density profiles for six haloes in our sample at z = 6. Black curves mark the profile from the DMO simulation,
while the red curve is from the FiBY run. The profiles are based on a binned histogram and the error bars reflect the Poisson noise
in each bin. The best fitting NFW profile is shown for each run by the dot-dashed curves, and the fractional difference between the
simulation and NFW fit is shown in the insets below each panel. The arrows mark 100 pc, the radius we use to define the enhancement
of the halo (see Section 3.2), and the vertical dashed lines mark the gravitational softening radius of the simulation (33 pc at z = 6).
The four numbers in each panel show the FiBY total halo mass in units of 109 M, the FiBY virial radius, Rvir, in physical kpc, the
concentration of the FiBY NFW fit (cs = Rvir/rs), and the difference in concentration between the DMO and the FiBY simulation
(∆c = cDMO− cFiBY). We find that some haloes (top row) show significant contraction while others (bottom row) show expansion. Also
note that the modification to the density profiles can extend to ≈ 30% of the virial radius.
this connection in Section 3.5. We find that no single star
formation episode has the energy to completely shut down
star formation permanently in our haloes. As gas is accreted
freshly onto the growing halo with high rates (Dekel et al.
2009) the star formation and η will rise again, beginning the
enhancement cycle again. As our study only captures the
first billion years of galaxy evolution, we do not see the long
term trend to flatter cores seen, for example, in Governato
et al. (2012) which operate on time-scales longer than our
simulation.
We selected one cycle to study the state of the gas and
energetics of the DM in more detail. We selected the cycle
seen in the top center panel of Figure 6 in the redshift range
z = 6−8. First, we follow the energy in the DM and compare
it to the energy injected into the gas by supernova feedback.
In Figure 8 we show in black the potential energy, UDM,
of the DM particles inside Rc as a function of redshift. In
blue, we show the cumulative energy injected into the gas
by supernova feedback, ESN. At z ≈ 7.5, the energy injected
by supernovae is comparable to the potential energy of the
DM inside Rc. This is also the redshift where η is at its
peak value (η = 2.51). After this time, η begins to drop and
the gas begins to be blown out of the central region of the
galaxy. By z = 6.85, η is at a minimum (η = 0.36), only
90 Myr later.
In Figure 9, we show the phase diagram of the gas in
the halo at four redshifts during this cycle. At the start of
the cycle (z = 8.14, upper right panel), η = 0.44 and the
gas is only just denser than the star formation threshold of
n = 10 cm−3. However, by z = 7.47 (upper left), the fraction
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Figure 2. Resolution tests to measure η. The top panel shows the
histogram of η measured at 100 pc (black) and at 200 pc (blue).
The distributions are similar, with the 200 pc distribution slightly
narrower. The bottom panel shows the fractional difference in η
for all haloes in our sample between the two radii as a function
of η measured at 100 pc.
of gas above the star formation threshold is dramatically
increased and the peak density has increased to 104 cm−3.
However, by z = 6.85, the stellar feedback has re-heated
the gas, leaving virtually no gas above the star formation
threshold, and a very small value of η.
In studying the cycles of DM enhancement, it is impor-
tant to quantify how much energy must be injected into the
DM particles in order to explain the observed values of η.
This will provide insight into which physical models are ca-
pable of explaining the evolution of the DM profile. We show
in Figure 10 the difference in total binding energy of the DM
particles inside Rc between the DMO and FiBY halo coun-
terparts as a function of η. The binding energy is calculated
as the kinetic plus potential energy of each DM particle.
Haloes where the DMO halo is more bound are plotted in
black, while haloes where the FiBY halo is more bound are in
blue. We find that for all haloes with η < 0.7, the FiBY halo
is less bound than it’s DMO counterpart, with a difference in
binding energy between 108 and 1010 M(km/s)2. Using the
parameters from our SN feedback model, this would require
between 104 and 106 M in stars formed, or star formation
rates over the past 5 Myr between 0.002 and 0.2 M/yr, as-
suming the energy couples to the DM with perfect efficiency.
As this is obviously not the case, these should be taken as
lower limits to the required star formation rates. We thus
conclude that any mechanism to inject energy into the DM
particles, such as supernova feedback, must transfer at least
this much energy into the DM particles.
Finally, we wish to connect our simulation results to
observable quantites: namely mass outflows and star forma-
tion rate. In figure 11, we show the change in DM density
between snapshots n−1 and n as a function of the change in
Figure 3. Enhancement as a function of total mass for all haloes
at all redshifts in our sample. The blue curve shows the mean
trend of η with halo mass, and the error bars show the standard
deviation of the haloes within each bin. The points are the haloes
which lie outside the lowest contour curve. We find that there is
little evolution of the mean enhancement until the highest masses,
which show an offset to large values of η.
gas density, both measured as the average density inside Rc.
For infalling gas, where ∆ρg > 0, the DM is nearly always
moves in as well, and similarly when the gas moves out of
the central region of the halo. The haloes which show a large
increase (decrease) in η between the snapshots are coloured
blue (red).
3.4 Adiabatic Contraction
We have shown that haloes with large η also have high SFR.
Hence, we expect there to also be a correlation between η
and the amount of baryons inside Rc for haloes with η > 1.
We show in Figure 12 the correlation between the baryon
ratio inside Rc (fb = Mb(< r)/Mdm(< r)) and η. We find
that nearly all haloes with significant levels of enhancement
have large baryon ratios in the central region of the halo –
implying that baryons are required to generate the enhance-
ment. However, the presence of baryons does not necessitate
an enhancement in the DM profile, as is seen in the large
subsample of haloes with baryonic fractions near unity but
show a decrement in DM. These haloes may be cases where
the gas has just begun to fall back into a halo. As the DM
mass inside Rc would be low for a halo with η < 1, a even
small amount of gas would create a large baryonic ratio.
Adiabatic contraction is a possible explanation for the
enhancement in the dark matter in haloes with high cen-
tral baryon fractions (Blumenthal et al. 1986; Gnedin et al.
2004; Abadi et al. 2010). We test whether the enhancement
in seen in the dark matter density may be due to adiabatic
contraction. We discuss the adiabatic contraction model be-
low, noting that it would also apply to adiabatic expansion
if baryons slowly leave the halo.
The standard adiabatic contraction (SAC) model was
first discussed by Blumenthal et al. (1986). This model as-
sumes spherical symmetry, circular orbits, homologous con-
traction, and that the specific angular momentum in a given
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Figure 4. Probability distribution of the measured enhancement
of the haloes at all redshift slices in our sample (top panel). We
find that the distribution of η can be fit with the sum of two
log-normal distributions, but it still has a tail at high values of
η. The tail is fit with a third log-normal shown by the dashed
blue curve. The lower panels give the probability distribution for
haloes binned by total halo mass, as well as the best fitting log-
normal distribution. We find that the high mass haloes dominate
the high η tail of our sample. See the text for the centres and
widths of the log-normal fits.
mass shell is conserved. Using the angular momentum as the
conjugate momentum and the angular position as the coor-
dinate, the adiabatic invariant is proportional to rM(< r).
For baryons moving adiabatically in a halo, we can then
write[
MDMi (< ri) +M
b
i (< ri)
]
ri =[
MDMf (< rf ) +M
b
f (< rf )
]
rf , (3)
where the superscripts DM and b refer to the DM and bary-
onic mass inside the initial (ri) and final radii (rf ). This
model, however, has been shown to systematically over-
predict the mass profile in the inner region of simulated
haloes (Blumenthal et al. 1986; Gnedin et al. 2004). Gnedin
et al. (2004) relax the assumption of spherical orbits to al-
low for elliptical orbits in a modified adiabatic contraction
(MAC) model. This model uses the mass within an orbit-
averaged radius, r˜, times the instantaneous radius r as the
conserved quantity instead of the specific angular momen-
tum. Gnedin et al. (2004) propose a power-law parameteri-
Figure 5. Density profile slope, β = dlogρ/dlogr, at Rc for the
FiBY haloes (top) and the difference between the FiBY and DMO
runs (bottom) as a function of η. The points show the haloes
which lie outside the lowest contour curve. We find that the in-
tegral constraint, η, correlates with the local constraint, β, rea-
sonably well. Haloes with large enhancements show steeper slopes
than their DMO counterpart. Haloes showing a decrement of total
DM in the core show flatter profiles than their DMO counterparts.
zation between r˜ and r, such that
r˜
r0
= A0
(
r
r0
)w
, (4)
where the constants A0 and w were found by fitting to N-
body simulations, and r0 = 0.03rvir. With this relation, the
adiabatic contraction model is given by[
MDMi (< r˜i) +M
b
i (< r˜i)
]
ri =[
MDMf (< r˜f ) +M
b
f (< r˜f )
]
rf . (5)
Using this modification, Gnedin et al. (2004) report a better
fit to the contraction of the DM in simulations with baryonic
cooling than the SAC model.
To test if our haloes follow the MAC model, we set
the fitting parameters to A0 = 1.6 and w = 0.6, though
these have been shown to vary slightly from halo to halo
(Gustafsson et al. 2006; Gnedin et al. 2011) depending on
the choice of baryonic feedback implementation, redshift,
and halo mass. Gnedin et al. (2011) note that the scatter
in A0 and w yields an accuracy of ≈ 10% in predicting the
dark matter profile. Assuming the contraction is homologous
with no shell crossing, we set
MDMf (< r˜f ) = M
DM
i (< r˜i). (6)
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Figure 6. Redshift evolution of η (black) and star formation rate (red) for six haloes. We find that the enhancement fluctuates with
episodes of star formation. As cold dense gas falls to the halo centre, a cuspy DM profile develops and stars form. The stars then input
thermal energy into the gas, rapidly blowing out the remaining gas. The DM responds to the rapid change in potential and expands,
thereby decreasing η.
We use the DM mass profile from the DMO simulation at
snapshot n (scaled by (ΩM − Ωb)/ΩM) as the initial DM
profile MDMi , set M
b
i = 0, and use the FiBY simulation at
snapshot n for the final DM and baryonic profiles. We then
solve for the initial radius, ri, of the DM inside rf .
To test if the contraction observed in the FiBY simu-
lation is due to adiabatic contraction, we test the validity
of equation 6 using the DM profile from the FiBY run at
snapshot n as MDMf , and the DM profile from the DMO
run at snapshot n as MDMi . We show in Figure 13 the ra-
tio MDMFiBY(< r˜f )/M
DM
DMO(< r˜i) as a function of rf for four
haloes with different values of η and baryon ratio inside Rc.
As can be seen, the choice of w does not significantly affect
the mass ratio profile.
In Figure 14 the same ratio evaluated at rf = Rc is plot-
ted for each halo as a function of η. The points are coloured
by the baryon ratio inside Rc. We find that only for haloes
with η > 1 and baryon ratio inside Rc greater than ≈ 0.6
does the MAC model work well. Without enough baryons, it
is impossible to effectively modify the DM profile to create
a strong enhancement.
It is instructive also to take the observed relation be-
tween the baryon ratio, fbar, seen for haloes with η > 2 and
fbar > 1 in Figure 12 (black curve). If we fit the data with a
power law such that fbar +1 = Aη
B , one can derive (see Ap-
pendix A) another power law relating the mass ratio plotted
in Figure 14 to η:
MFiBY(< rf )
MDMO(< ri)
=
1
A
η1−B . (7)
Using the best fit values of A = 1.786 and B = 0.540, we
show this curve as the solid black curve in figure 14, and
find that it does a decent job of predicting where haloes
with η > 2 and fbar > 1 lie in this plane, confirming that the
enhancement in these haloes is due to adiabatic contraction.
We note though, that it slightly over-predicts the mass ratio
at the largest values of η. This is unsurprising, as the simple
derivation here assumed the SAC model, which is known to
over-predict the enclosed DM mass at high baryon ratios.
It is also instructive to see how the MAC model may
predict the evolution of the dark matter profile in the FiBY
simulation from snapshot n − 1 to snapshot n. Previously,
we assumed that all the baryons are added directly to the
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Figure 7. Instantaneous star formation rate in the FiBY halo
versus η. Haloes with no star formation are assigned the value of
log(SFR)= −7. We find a strong trend to large η with increasing
SFR for SFR > 10−3 M/yr. We find that most of the haloes
with η < 1 have little to no star formation – indicating that these
haloes have likely lost their gas due to stellar feedback, which
then alters the dark matter structure in the centre of the halo.
Figure 8. Energy evolution of the DM particles inside Rc as a
function of redshift for one halo as it goes through a cycle of high
and low enhancement. In black, we show the total potential energy
of the DM particles inside Rc. In blue, we show the cumulative
energy injected into the halo from supernovae. By z = 7.5, the
energy injected by supernovae is comparable to the DM potential
energy. 90 Myr later at z = 6.85, η is at its smallest (0.36), the
potential is at its shallowest, and the gas is completely evacuated
from inside Rc.
DMO mass profile by setting Mbi = 0 and using the DMO
simulation for MDMi at snapshot n. However, the DM profile
of the FiBY simulation at snapshot n− 1 has already been
affected by the baryons present at that time, and so is not
necessarily comparable to the DMO mass profile at snapshot
n. Therefore, we apply equation 5 to the evolution of a FiBY
halo between snapshots n−1 and n. We use the baryon and
dark matter mass profiles at snapshot n − 1 in the FiBY
simulation as our initial MDMi (< r˜i) and M
b
i (< r˜i). Using
equation 6 and the baryon mass profile at snapshot n, we
Figure 9. Gas phase diagram at four redshifts during one halo’s
enhancement cycle. As dense gas is built up between z = 8.14 and
z = 7.47, η increases by a factor of 6. When the DM shows the
strongest enhancement (upper right), there is significant amounts
of dense star-forming gas. When the dense gas is completely re-
moved via supernova feedback, the DM shows the strongest decre-
ment (bottom left).
then solve for ri and test our assumption using the ratio
y(r) = MDMFiBY(< r˜)/M
DM
FiBY(< r˜i). (8)
With this definition, y(r) captures how well the MAC model
is able to predict the time evolution of our FiBY haloes.
Evaluating this ratio at r = Rc, we can make a prediction
for the enhancement,
ηMAC = η/y(Rc). (9)
We compare the predicted value for ηMAC to the measured
value in Figure 15. We find that for high values of η, the
model matches the correct slope, but with a systematic offset
of about 10% too high. The offset may be from our choices of
A0 and w, though we note that our offset is well within the
expected error discussed in Gnedin et al. (2011). The offset
may also imply that while the adiabatic contraction is dom-
inating the evolution of η in strongly enhanced haloes, other
factors may be inhibiting enhancement of DM; we explore
some of these possibilities in Section 3.5.
3.5 Removal of Baryons
3.5.1 Reionization
As is seen in Figure 4, not every halo of a given mass shows
a similar enhancement (or decrement) of dark matter. We
examine this further in Figure 16, where we show in the
upper left panel the redshift evolution of the mean η for two
halo samples: those which at z = 6 have Mtot > 1.5×109 M
(blue points) and those with 6.5 × 108 M < Mtot < 1.5 ×
109 M (red points) – roughly a factor of 2 difference in halo
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Figure 10. Difference in total binding energy of the DM particles
inside Rc between the DMO and FiBY simulations as a function
of η. In black are haloes where the DMO halo is more bound,
and in blue are the haloes where the FiBY halo is more bound.
We find that for η < 0.7 all FiBY haloes are less bound than
their counterpart, and require between 108 and 1010 M(km/s)2
energy to be injected into the DM particles.
Figure 11. Change in DM density versus the change in gas den-
sity between two snapshots, both measured within Rc. In general
when a lot of gas moves in, the DM moves in as well, and vice
versa. The points are coloured by the fractional change in η be-
tween the snapshots.
mass at z = 6. To obtain the redshift evolution, we follow
the progenitors of the haloes in these two samples, and plot
the mean η for each sample at each redshift. We also show
the evolution of the mean η as a function of the mean total
mass in the upper right panel. We find that when the haloes
are below Mtot ≈ 3× 108 M, they have similar 〈η〉 and ση.
These low mass haloes have on average η slightly less than
unity. The tracks diverge at Mtot ≈ 3× 108 M; the higher
mass sample develops a stronger enhancement on average
as well as more halo to halo variation. As the haloes in this
mass bin reach Mtot = 3 × 108 M earlier than the lower
mass bin haloes, the halo formation time likely plays a role
in the structure of the central dark matter profile.
Figure 12. Baryon ratio within Rc versus η for all haloes. The
points are coloured based on the instantaneous star formation
rate inside Rc, with the small black points marking haloes with
no current star formation. Unsurprisingly, a large baryon ratio is
required to have large values of η. However, it is not a sufficient
condition for enhancement, as is shown by the large number of
haloes with η < 1 and fbar > 1. These haloes have a lower star
formation rate than their counterparts of the same baryonic frac-
tion but large enhancements. The black curve is a power law fit
of the form fbar +1 = Aη
B to the haloes with η > 1 and fbar > 1,
used in testing the adiabatic contraction model.
From the redshift evolution, we find that the high mass
sample diverges from the lower mass sample at z ≈ 11: dur-
ing the epoch of reionization. The bottom left panel of Fig-
ure 16 shows the mean baryon fraction inside Rvir in the
haloes as a function of redshift. The shaded region denotes
the time when our reionization model is active. The haloes
in the lower mass bin lose baryons during reionization while
the higher mass haloes do not. Without enough baryons to
cool and collapse to the centre, the lower mass haloes are
unable to generate an enhancement of η.
The effect is also seen in Figure 17 which shows phase
diagrams of the gas before and after reionization. The top
(bottom) row shows the ρ−T diagram for all the gas inside
Rvir in the higher (lower) mass bins. The mean baryonic
mass inside Rc is listed in each panel, and shows that the
higher mass haloes increase in baryonic mass during reion-
ization while the lower mass haloes do not. These more mas-
sive haloes contained enough high-density gas to self-shield
against the UV background during reionization allowing fur-
ther baryonic collapse and modifications to the DM profile.
The lower mass haloes do not have as much high density
gas, and so more gas is heated by the UV background and
unable to collapse. Hence, in these haloes we do not see the
buildup of strong DM enhancements.
3.5.2 Supernovae Outflows
As shown in Pontzen & Governato (2012) and Ogiya & Mori
(2012), rapid outflows driven by stellar feedback can cause
rapid changes in the halo potential. As the potential becomes
shallower, the dark matter gains kinetic energy, thereby de-
stroying a central cusp. Pontzen & Governato (2012) show
that for rapid changes in the potential, even if the potential
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Figure 13. Sample predicted mass ratios (MDMFiBY(<
r˜f )/M
DM
DMO(< r˜i)) using the modified adiabatic contraction
model for four haloes. In the upper left, we show a halo with
large η and baryon ratio. In the upper right, we show a halo with
low η but large baryon ratio. In the lower panels, we show haloes
with low baryon fraction and large (left) and small (right) η. We
vary the parameter w in equation 4 in the blue and red dashed
curves, as suggested by Gnedin et al. (2011). We find that only
for haloes which have large baryon fractions and show η > 1 does
the MAC model accurately describe the mass ratio.
Figure 14. Predicted mass ratio at rf = Rc using the modified
adiabatic contraction model versus η. We plot the ratio of the
DM mass inside the orbit averaged final radius, r˜f from FiBY to
the DM mass inside the orbit averaged initial radius, r˜i from the
DMO run. The initial radius is found using equation 5, and this
ratio tests the assumption of equation 6. Each point is coloured
by the baryon ratio inside Rc, and black points are for haloes with
no baryons inside Rc. For haloes with η > 2 and fbar & 0.63, the
model works to within ≈ 20%. However, many haloes with η ≈ 2
show low baryon fractions and more dark matter mass inside r˜f
than the MAC model predicts. The solid black curve denotes
the prediction of the SAC model, assuming a power law relation
between fbar + 1 and η for haloes with η > 2 and fbar > 1.
Figure 15. Predicted ηMAC versus η using the MAC model of
equation 9 where the baryon and DM mass profiles from the FiBY
simulation are used as the initial inputs to predict the FiBY DM
mass profile in the next snapshot. For the haloes in which the
model is expected to do well – haloes with a high baryon ratio –
the model matches the expected slope, but overpredicts ηMAC by
≈ 10%.
Figure 16. Evolution of the mean η with redshift (top left) and
halo mass (top right) for haloes in two mass bins. In blue are
haloes with Mtot > 1.5× 109 M at z = 6 and in red are haloes
with 6.5 × 108 M < M < 1.5 × 109 M at z = 6. The bottom
left panel shows the evolution of the mean baryon fraction inside
Rvir for the same two samples. The gray hashed region marks
the epoch of reionization, during which baryons evaporated out
of the lower mass haloes, prohibiting the buildup of a cuspy DM
profile and a large value of η. The error bars show the standard
deviation in each halo sample.
returns to its initial state the DM particles will still have
a net gain in total energy and not return to their initial
configuration.
To test the effectiveness of outflows in removing dark
matter from the center of our haloes, we implement the
model described in Pontzen & Governato (2012). For each
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Figure 17. Phase diagram for the gas in haloes in two mass bins
before and after reionziation. The mass bins are the same as those
in Figure 16 and are based on the total mass of the halo at z = 6.
The baryonic mass inside Rc is listed in the upper right of each
panel in units of 106 M. We find that haloes in the higher mass
bin (top row) retain dense gas, while the haloes in the lower mass
bin do not (bottom row). Hence, the high mass haloes have on
average larger values of η than the lower mass haloes.
halo at snapshot n, we initialize tracer particles with the lo-
cation and velocity of the dark matter particles at the pre-
vious snapshot, n−1. These tracer particles are then placed
in a spherical potential, V (r) calculated from the spherically
averaged total density profile at snapshot n−1. We then as-
sume the potential instantaneously changes to the potential
at snapshot n. The new total energy per unit mass of a tracer
particle at time n is given as
En =
1
2
v2n−1 + Vn(rn−1). (10)
We assume that the particle’s specific angular momentum is
conserved between snapshots, so that jn = jn−1 = ~rn−1 ×
~vn−1. Given the new total energy of a tracer particle and
its angular momentum and defining an effective potential
Veff(r) = V (r) + 0.5(j/r)
2, we can integrate over the new
particle orbit to obtain the radial probability distribution,
p(r):
p(r) =
{
1
(E−Veff (r))1/2
∫
(E−Veff (r))−1/2 dr
E − Veff(r) > 0
0 E − Veff(r) ≤ 0.
(11)
By summing the probability distribution over all tracer par-
ticles, we can predict the final density profile at snapshot n
for the tracer particles as
ρmodel(r) =
mDM
4pir2
∑
l
pl(r). (12)
With the predicted density profile, we can then integrate
the profile to find the DM mass inside 100 pc and use this
to predict η at snapshot n.
Figure 18. DM density profiles for four haloes which have a net
loss of baryons and a decrease in η between snapshots n− 1 (red
dashed) and n (black solid). In blue is shown the density profile
predicted by equation 12. We find that the outflow model does
a good job at predicting the response of the DM to the baryonic
outflow.
We show in Figure 18 the predicted density profile of
Equation 12 for four haloes which have a net outflow of
baryons and a decrease in η by about 60% between two
snapshots. Three of them do extremely well in reproducing
the observed DM profile at snapshot n, and can predict η to
within a factor of ≈ 50%. However, the bottom right panel
shows a halo where the decrease in η is driven by a factor of
2 growth in the DMO halo and not by a strong change in the
FiBY halo. In this case, the outflow model still matches the
FiBY density profile well, even though there is little change
in the density profile. Thus, we conclude that when baryons
are rapidly leaving the halo, the outflow model does a good
job of predicting the resulting DM density profile.
3.5.3 Dynamical Friction Heating
Another proposed method of destroying a central DM en-
hancement is via dynamical friction from infalling galaxies
(El-Zant et al. 2001, 2004; Tonini et al. 2006; Romano-Dı´az
et al. 2008; Maccio` et al. 2012). Lackner & Ostriker (2010)
proposed a model for dissipationless energy transfer from in-
falling stars to a host galaxy’s dark matter. In this scenario,
the orbital energy lost by the stars is deposited into a shell
of DM, causing it to expand and the density in the shell to
decrease. We use this model to explore the possibility that
dynamical friction is the dominant source of DM expansion
instead of the outflow model of the previous section.
In Figure 19 we show the offset between the centre of
mass of the stars and the centre of the halo (i.e. the centre
of the global potential well) for all haloes. We find a general
trend to decreasing offset with increasing η. We also identify
haloes (red points) where the offset is larger than Rc in one
snapshot n− 1 and smaller than Rc in the next snapshot n.
These 23 haloes are then studied further to see if dynamical
friction from the infalling stars may affect the evolution of
η.
Following Equation 11 in Lackner & Ostriker (2010) we
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define the difference between the total energy of the DM and
stellar shells as
∆E =
G
12Rc
{
(∆R′ −∆R)
[
2MDM
2 +
3MintMDM +M∗MDM +
RcMDM
∆R′
Mext
]
−3∆RM∗(MDM + 2Mint +M∗)
}
(13)
where ∆R is the initial DM shell width which we set as 20 pc
centered on Rc, MDM is the DM mass in the shell, M∗ is the
stellar mass crossing Rc, Mint and Mext are the total mass
interior and exterior to the shell. Equipartition of energy
between the DM shell and the stars allows us to set ∆E = 0;
we then solve iteratively for the new shell width, ∆R′, giving
a new density in the shell. From that new density, we then
calculate how much DM is still inside Rc to obtain ηDF by
dividing the mass inside Rc predicted by Equation 13 by the
mass in the DMO counterpart halo at snapshot n. We note
that in our calculations, we have assumed all the stars start
outside Rc if the stellar center of mass is outside Rc. Thus
our estimate of the mass lost due to dynamical friction is an
upper limit.
In Figure 20 we show the enhancement, ηDF, predicted
by equation 13 versus the measured ηn. The points are
coloured by the ratio ηn−1/ηn, showing which haloes have
actually undergone a change in enhancement between the
two snapshots. The first point to note is that most haloes
have ηn−1/ηn < 1, meaning the enhancement increases with
time. We would expect these haloes to not be well fit by the
dynamical friction model, and indeed, they are not; ηDF is
less than ηn by factors of a few for these haloes. We find that
the mass lost due to dynamical friction is very small – of or-
der 0.05% of the DM mass inside Rc – and so this model
predicts very small change to the mass inside Rc between
snapshots. Hence, we find that ηDF ≈ ηn only for haloes
which have very little change in η between snapshots n− 1
and n.
This result can be explained by straightforward energy
arguments. Using a toy NFW profile with Mtot = 10
9 M,
we can add a cusp to the density profile inside Rc having a
logarithmic slope of −2. If the mass in the cusp is only 3% of
the total dark matter mass we can then calculate the energy
required to remove this mass from the halo. Then, assuming
10% of the baryons are in stars which are moved in from
infinity to 50 pc, we can calculate the maximum amount of
energy available for unbinding the DM cusp. Using these
parameters, we find that the energy required to unbind a
cusp leaving only an NFW profile behind is 8.7 times as
much as the potential energy released by the infalling stellar
clump.
3.6 Model Prediction
To test the predictive power of the three physical models
described in Sections 3.4 and 3.5, we use the models to pre-
dict the enhancement, ηp, at snapshot n given the state of
the halo at snapshot n− 1 and compare it to the measured
η from the simulation. We track the movement of the gas
between the two snapshots to determine which models we
apply to each halo.
For haloes which show a net inflow of gas (within Rc)
Figure 19. Offset between the centre of mass of the stars and
the halo centre (in physical parsecs) versus halo enhancement for
all haloes at all redshifts in our sample. The large points are for
haloes with at least 50 star particles inside Rc, and the small
points have fewer than 50 star particles. We find that haloes
with large enhancements generally have small stellar offsets. Note
that the gravitational smoothing parameter reaches a maximum
of 33 pc (physical) at z = 6, and so many offsets are less than one
smoothing length. The red points mark haloes with at least 50
star particles and which have an offset larger than 100 pc currently
but have an offset less than this in the next time step. They are
the candidates to which we apply the dynamical friction model.
from one snapshot to the next, we used the MAC model
described in section 3.4. We use the properties of the FiBY
halo at n − 1 as the initial DM and baryonic profiles, and
the baryon profile at n as the final baryon profile. We use
equation 5 to solve for ri, and then, assuming equation 6,
we predict the DM density profile, ρp(r) at n. For haloes
which show a net loss of gas (again within Rc), we apply
the rapid outflow model of section 3.5.2 to create ρp(r) at n
using Equation 12.
Finally, for all haloes, we track how many stars inside
of Rc at n were outside of Rc at n − 1 (either in the same
halo or one that merged with the halo between n−1 and n).
Using the total mass of these stars and ρp, we can then apply
equation 13 to obtain the final predicted DM density profile.
With this profile, we can calculate the predicted DM mass
inside Rc at tn to obtain ηp by dividing by the DM mass
inside Rc from the DMO simulation at tn.
We show the comparison between ηp and η in Figure
21, where haloes to which we applied the MAC model are
in black, and blue denote haloes where we used the outflow
model. We find that the haloes with baryonic inflows show
a decent agreement with the measurements from the simu-
lation. However, there is a large spread in values and a ten-
dency to over-predict the enhancement by a factor of a few.
In contrast, the haloes with outflows tend to under-predict
the enhancement. Both of these offsets can be explained by
noting that more than one physical effect may happen be-
tween snapshots which is not captured in our simple predic-
tions. A halo which has a net outflow of baryons may have
first been adiabatically contracted before the blowout, and
so the outflow model would tend to over-estimate the drop
in DM, leading to too small values of ηp for those haloes.
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Figure 20. Predicted ηDF from the dynamical friction model
using equation 13 versus actual ηn in the following snapshot for
the same halo sample. The model is applied to haloes which at
snapshot n − 1 have a stellar offset larger than Rc and a stellar
offset less than Rc at snapshot n, as well as having at least 50 star
particles (the red points in Figure 19). The points are coloured by
the ratio of enhancements between snapshot n−1 and n: ηn−1/ηn.
The model accurately predicts ηn only for haloes which show little
change in enhancement between snapshots.
In Figure 22, we show the evolution of ηp for the same
six haloes shown in Figure 6 between z = 6 − 9. The solid
curve shows the evolution of η measured in the simulation,
while the dashed curve shows ηp. The points are coloured
based whether or not we applied the MAC model or the out-
flow model at that snapshot. The physical models capture
the cyclical nature of the evolution of η very well. The MAC
model over-predicts η slightly as noted earlier in Section 3.4.
As the dynamical friction model barely effects the mass in-
side Rc, we conclude that adiabatic contraction and rapid
outflows together dominate the shape of the DM profile in
the centre of our haloes.
4 DISCUSSION
Cool dense gas at the cores of haloes seems to nearly uni-
versally develop a cuspy DM profile during the early epochs
studied in our simulation. If the gas is unable to cool and
collapse to the centre, whether via reionization or stellar
feedback, then the halo does not develop an enhancement
of DM in the centre compared to the DMO halo. Once an
enhancement has been developed, we have shown that it is
possible to destroy it via a rapid expulsion of the baryons
from stellar feedback.
We find that the star formation cycle is the main driver
of the evolution of the central DM profile. In these dwarf
galaxies at high redshifts, star formation is very cyclical due
to the large amount of infalling gas as these haloes are grow-
ing rapidly. Thus, after gas is blown out via supernovae ex-
plosions, more gas is able to cool and collapse to the centres
of the haloes in short time frames, starting the SF cycle
again.
We find that in the early Universe, a wide range of
central halo profiles is possible. We note that the ubiqui-
Figure 21. Predicted values of ηp compared to the value of η
measured in the FiBY simulation. The predictions were based on
three models. If the halo has a net inflow of baryons inside Rc
compared to the previous snapshot, then we applied the MAC
model (black points, Equation 5). If there is a net outflow, then
we applied the outflow model (blue points, Equation 12). On top
of both of these models, we then include the (minimal) effects
of dynamical friction due to infalling collisionless clumps of stars
and DM (Equation 13).
tous cores found in Governato et al. (2012) and Teyssier
et al. (2013) are formed after ≥ 1 Gyr, longer than the to-
tal cosmic time of our simulation. During the early phases
of galaxy evolution seen in our simulation, the next infall
cycle brings in more mass than was blown out previously,
due to the high accretion rates at early times (Dekel et al.
2009). The model of Pontzen & Governato (2012) depicts
a flatting of the profile even if the potential returns to its
previous state before the blowout. However, if the potential
is actually deeper than its previous state, then the expected
final energy of the DM can be lower than their initial energy
(see Appendix B). Hence when the mass accreted is larger
than the mass blown out by feedback, such as in the early
epochs of galaxy formation, then rapid potential changes do
not ubiquitously lead to flattened cored profiles.
The stochastic nature of gas inflow rates, and hence star
formation and feedback in these high-redshift galaxies means
that the DM profile in the early Universe is not universal.
One would expect that the time scales for star formation
and stellar feedback will govern the timing of the cycles of
the DM profile during this early epoch. If the timescale for
star formation is shorter than that of feedback, then gas is
still flowing in, and η should increase. Similarly, if feedback
is dominating, then that timescale will determine the drop
in η.
An implication of the non-universality of the central
DM density profile is that of a systematic scatter in a con-
centration mass relation due to the presence of baryons at
high redshift. We show in Figure 23 the change in concen-
tration between the DMO and FiBY runs as a function of η.
Unsurprisingly, there is a systematic trend to larger concen-
trations with increasing η. Since we have shown that haloes
with high central SFR also show strong enhancements in
the central DM, we would predict that galaxies which show
strong nuclear starbursts would also show increased concen-
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Figure 22. Evolution of η from z = 6− 9 for FiBY haloes (solid curve) and from the same models as Figure 21 (dashed curve). The red
points show snapshots where we applied the MAC model, and the blue points show when we applied the outflow model. The models are
able to follow the trend of η with redshift, though the MAC model tends to over-predict η as was seen in Figure 21.
tration parameters at a given halo mass, and a cuspy central
DM profile. From our simulation, we would estimate that a
halo with SFR ≥ 0.1 Myr−1 inside the central ≈ 100 pc
will have a cuspy profile.
The physical insights gained from our simulations may
help us understand better the DM profiles of local dwarfs.
For an old stellar population which formed before or during
reionization, we can assume that there have been no major
gas inflows since that time. The combined effects of stellar
feedback from the last star formation episode and photo-
heating from reionization imply that even at z = 6, the halo
can have a flattened cored profile with η ≤ 1, similar to the
lower mass sample (in red) in Figure 16.
5 CONCLUSIONS
Using a high resolution cosmological simulation of the first
galaxies, we have studied the DM profiles for a large sample
of haloes. We have focused on the integrated profile in cen-
tral 100 pc of the halo. We compare the total mass inside Rc
on a halo to halo basis in the simulation with baryons to a
dark matter only simulation of the same region. Our main
conclusions can be summarized as follows.
(i) There is no universal inner DM profile in our haloes
at these early epochs, due to the baryonic modifications to
the DM. The distribution of η has a mean of η¯ = 0.94 and
a median value of 0.87. There is a large spread of η about
the mean, and η can vary widely during the evolution of the
halo. The distribution of η is roughly log-normal, though at
the highest halo masses, there is a significant tail with high
values of η.
(ii) The MAC model provides a good model for haloes
with significant amounts of gas and which have η > 1.
(iii) Reionization inhibits the baryonic growth of haloes
which cannot self-shield against the radiation. Hence η can-
not be very large for these haloes. We find that haloes with
M ≤ 3 × 108 M during reionization have smaller baryon
fractions even in the core of the galaxy. show strong bary-
onic quenching.
(iv) The evolution of the central DM is coupled to the
star formation cycle of the galaxy during the first billion
years studied in this work. As gas falls in, the DM contracts
adiabatically. However, once stellar feedback blows the gas
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Figure 23. Fractional difference in concentration between the
DMO and FiBY runs as a function of η. The solid line is a linear
fit to the data. Halos with strong enhancement show increased
concentration compared to the DMO run. The points are haloes
which lie outside the lowest contour. Halos with a strong decre-
ment (η < 1) show smaller concentrations than their DMO coun-
terparts. Since enhancement is tied to the star formation cycle,
the halo concentration will also be dependent on the star forma-
tion history of the halo.
out of the galaxy, the DM responds to the shallower poten-
tial and a drop in η is observed which is roughly consistent
with the blowout model in Pontzen & Governato (2012).
(v) Dynamical friction does not play a major role in re-
moving mass from the central part of the halo, due to low
stellar masses available to fall into the halo.
ACKNOWLEDGEMENTS
These simulations were run using the facilities of the Rechen-
zentrum Garching. CDV acknowledges support by Marie
Curie Reintegration Grant PERG06-GA-2009-256573.
REFERENCES
Abadi M. G., Navarro J. F., Fardal M., Babul A., Steinmetz
M., 2010, MNRAS, 407, 435
Abel T., Anninos P., Zhang Y., Norman M. L., 1997, New
Astronomy, 2, 181
Blumenthal G. R., Faber S. M., Flores R., Primack J. R.,
1986, ApJ, 301, 27
Booth C. M., Schaye J., 2009, MNRAS, 398, 53
Bromm V., Loeb A., 2004, New Astronomy, 9, 353
Burkert A., 1995, ApJ, 447, L25
Chabrier G., 2003, PASP, 115, 763
Dalla Vecchia C., Schaye J., 2012, MNRAS
Dekel A., Birnboim Y., Engel G., Freundlich J., Goerdt
T., Mumcuoglu M., Neistein E., Pichon C., Teyssier R.,
Zinger E., 2009, Nature, 457, 451
Di Cintio A., Brook C. B., Maccio` A. V., Stinson G. S.,
Knebe A., Dutton A. A., Wadsley J., 2014, MNRAS, 437,
415
Diemand J., Zemp M., Moore B., Stadel J., Carollo C. M.,
2005, MNRAS, 364, 665
Dolag K., Borgani S., Murante G., Springel V., 2009, MN-
RAS, 399, 497
Donato F., Gentile G., Salucci P., Frigerio Martins C.,
Wilkinson M. I., Gilmore G., Grebel E. K., Koch A., Wyse
R., 2009, MNRAS, 397, 1169
Dutton A. A., Conroy C., van den Bosch F. C., Simard L.,
Mendel J. T., Courteau S., Dekel A., More S., Prada F.,
2011, MNRAS, 416, 322
Einasto J., Haud U., 1989, A&A, 223, 89
El-Zant A., Shlosman I., Hoffman Y., 2001, ApJ, 560, 636
El-Zant A. A., Hoffman Y., Primack J., Combes F., Shlos-
man I., 2004, ApJ, 607, L75
Ferland G. J., 2000, in Arthur S. J., Brickhouse N. S.,
Franco J., eds, Revista Mexicana de Astronomia y As-
trofisica Conference Series Vol. 9 of Revista Mexicana de
Astronomia y Astrofisica, vol. 27, Cloudy 94 and Appli-
cations to Quasar Emission Line Regions. pp 153–157
Finlator K., Oppenheimer B. D., Dave´ R., 2011, MNRAS,
410, 1703
Flores R. A., Primack J. R., 1994, ApJ, 427, L1
Gaibler V., Khochfar S., Krause M., Silk J., 2012, MNRAS,
425, 438
Galli D., Palla F., 1998, A&A, 335, 403
Gnedin O. Y., Ceverino D., Gnedin N. Y., Klypin A. A.,
Kravtsov A. V., Levine R., Nagai D., Yepes G., 2011,
ArXiv e-prints
Gnedin O. Y., Kravtsov A. V., Klypin A. A., Nagai D.,
2004, ApJ, 616, 16
Governato F., Brook C., Mayer L., Brooks A., Rhee G.,
Wadsley J., Jonsson P., Willman B., Stinson G., Quinn
T., Madau P., 2010, Nature, 463, 203
Governato F., Zolotov A., Pontzen A., Christensen C., Oh
S. H., Brooks A. M., Quinn T., Shen S., Wadsley J., 2012,
MNRAS, 422, 1231
Gustafsson M., Fairbairn M., Sommer-Larsen J., 2006,
Phys. Rev. D, 74, 123522
Haardt F., Madau P., 2001, in Neumann D. M., Tran
J. T. V., eds, Clusters of Galaxies and the High Red-
shift Universe Observed in X-rays Modelling the UV/X-
ray cosmic background with CUBA
Heger A., Woosley S. E., 2002, ApJ, 567, 532
Heger A., Woosley S. E., 2010, ApJ, 724, 341
Hunter D. A., LITTLE THINGS Team 2012, in Ameri-
can Astronomical Society Meeting Abstracts Vol. 219 of
American Astronomical Society Meeting Abstracts, The
Little Things Survey. p. 148.01
Karlsson T., Johnson J. L., Bromm V., 2008, ApJ, 679, 6
Khochfar S., Silk J., 2011, MNRAS, 410, L42
Komatsu E., Dunkley J., Nolta M. R., Bennett C. L., Gold
B., Hinshaw G., Jarosik N., Larson D., Limon M., Page L.,
Spergel D. N., Halpern M., Hill R. S., Kogut A., Meyer
S. S., Tucker G. S., Weiland J. L., Wollack E., Wright
E. L., 2009, ApJS, 180, 330
Kuzio de Naray R., McGaugh S. S., Mihos J. C., 2009, ApJ,
692, 1321
Lackner C. N., Ostriker J. P., 2010, ApJ, 712, 88
Ma C.-P., Boylan-Kolchin M., 2004, Physical Review Let-
ters, 93, 021301
Maccio` A. V., Dutton A. A., van den Bosch F. C., Moore
B., Potter D., Stadel J., 2007, Monthly Notices of the
© 0000 RAS, MNRAS 000, 000–000
18 Davis et. al
Royal Astronomical Society, 378, 55
Maccio` A. V., Paduroiu S., Anderhalden D., Schneider A.,
Moore B., 2012, MNRAS, p. 3204
Maccio` A. V., Ruchayskiy O., Boyarsky A., Munoz-Cuartas
J. C., 2012, ArXiv e-prints
Maccio` A. V., Stinson G., Brook C. B., Wadsley J., Couch-
man H. M. P., Shen S., Gibson B. K., Quinn T., 2012, ApJ,
744, L9
Maio U., Ciardi B., Yoshida N., Dolag K., Tornatore L.,
2009, A&A, 503, 25
Maio U., Dolag K., Ciardi B., Tornatore L., 2007, MNRAS,
379, 963
Maio U., Khochfar S., Johnson J. L., Ciardi B., 2011, MN-
RAS, 414, 1145
Markwardt C. B., 2009, in Bohlender D. A., Durand D.,
Dowler P., eds, Astronomical Data Analysis Software and
Systems XVIII Vol. 411 of Astronomical Society of the
Pacific Conference Series, Non-linear Least-squares Fit-
ting in IDL with MPFIT. p. 251
Martizzi D., Teyssier R., Moore B., Wentz T., 2012, MN-
RAS, 422, 3081
Mashchenko S., Wadsley J., Couchman H. M. P., 2008,
Science, 319, 174
Merritt D., Graham A. W., Moore B., Diemand J., Terzic´
B., 2006, The Astronomical Journal, 132, 2685
Moore B., 1994, Nature, 370, 629
Nagamine K., Choi J.-H., Yajima H., 2010, ApJ, 725, L219
Navarro J. F., Frenk C. S., White S. D. M., 1996, The
Astrophysical Journal, 462, 563
Navarro J. F., Frenk C. S., White S. D. M., 1997, The
Astrophysical Journal, 490, 493
Navarro J. F., Hayashi E., Power C., Jenkins A. R., Frenk
C. S., White S. D. M., Springel V., Stadel J., Quinn T. R.,
2004, MNRAS, 349, 1039
Neistein E., Khochfar S., Dalla Vecchia C., Schaye J., 2012,
MNRAS, 421, 3579
Newman A. B., Treu T., Ellis R. S., Sand D. J., Richard
J., Marshall P. J., Capak P., Miyazaki S., 2009, ApJ, 706,
1078
Ogiya G., Mori M., 2011, The Astrophysical Journal, 736,
L2
Ogiya G., Mori M., 2012, ArXiv e-prints
Oh S.-H., Brook C., Governato F., Brinks E., Mayer L., de
Blok W. J. G., Brooks A., Walter F., 2011, AJ, 142, 24
Paardekooper J.-P., Khochfar S., Dalla Vecchia C., 2012,
MNRAS, p. L28
Pedrosa S., Tissera P. B., Scannapieco C., 2009, MNRAS,
395, L57
Pedrosa S., Tissera P. B., Scannapieco C., 2010, MNRAS,
402, 776
Pontzen A., Governato F., 2012, MNRAS, 421, 3464
Romano-Dı´az E., Shlosman I., Hoffman Y., Heller C., 2008,
The Astrophysical Journal, 685, L105
Salpeter E. E., 1955, ApJ, 121, 161
Salucci P., Wilkinson M. I., Walker M. G., Gilmore
G. F., Grebel E. K., Koch A., Frigerio Martins C., Wyse
R. F. G., 2012, MNRAS, 420, 2034
Sand D. J., Treu T., Ellis R. S., Smith G. P., Kneib J.-P.,
2008, ApJ, 674, 711
Schaye J., Dalla Vecchia C., 2008, MNRAS, 383, 1210
Schaye J., Dalla Vecchia C., Booth C. M., Wiersma
R. P. C., Theuns T., Haas M. R., Bertone S., Duffy A. R.,
McCarthy I. G., van de Voort F., 2010, MNRAS, 402,
1536
Springel V., 2005, MNRAS, 364, 1105
Springel V., White S. D. M., Tormen G., Kauffmann G.,
2001, MNRAS, 328, 726
Springel V., Yoshida N., White S. D. M., 2001, New As-
tronomy, 6, 79
Swaters R. A., Madore B. F., van den Bosch F. C., Balcells
M., 2003, ApJ, 583, 732
Teyssier R., Pontzen A., Dubois Y., Read J. I., 2013, MN-
RAS, 429, 3068
Tonini C., Lapi A., Salucci P., 2006, ApJ, 649, 591
Tornatore L., Borgani S., Dolag K., Matteucci F., 2007,
MNRAS, 382, 1050
Walter F., Brinks E., de Blok W. J. G., Bigiel F., Kennicutt
Jr. R. C., Thornley M. D., Leroy A., 2008, AJ, 136, 2563
Wechakama M., Ascasibar Y., 2011, MNRAS, 413, 1991
Wiersma R. P. C., Schaye J., Smith B. D., 2009, MNRAS,
393, 99
Wiersma R. P. C., Schaye J., Theuns T., Dalla Vecchia C.,
Tornatore L., 2009, MNRAS, 399, 574
Yoshida N., Omukai K., Hernquist L., Abel T., 2006, ApJ,
652, 6
APPENDIX A: ADIABATIC CONTRACTION
DERIVATION
We show here the derivation of equation 7, the relation-
ship between the quality of fit of the AC model, given by
MFiBY(<rf )
MDMO(<ri)
and η, This assumes a power law relation be-
tween the baryon ratio fbar and η of equation fbar+1 = Aη
B .
Starting from equation Equ:SAC, and setting Mbi = 0 and
assuming equation 6 is valid, we divide by the mass in the
DMO simulation inside Rc to obtain
ηri =
(
η +Mb(< rf )/M
DMO(< rf )
)
rf , (A1)
where we have replaced MFiBY(< rf )/M
DMO(< rf ) with η.
Then, if we assume the DMO halo can be represented as a
singular isothermal sphere, then we set
MDMO(< rf )
rf
=
MDMO(< ri)
ri
. (A2)
Substituting equation A2 into equation A1, and replacing
the baryonic mass Mb(< rf ) = fbarM
FiBY(< rf ), we obtain
η
ri
rf
= η +
fbarM
FiBY(< rf )
MDMO(< ri)
ri
rf
. (A3)
Using equation 3 again, we can write the ratio of initial to
final radii as 1 + fbar. Substituting this then gives
η
1 + fbar
=
MFiBY(< rf )
MDMO(< ri)
. (A4)
Lastly, inserting the observed power law relationship be-
tween 1 + fbar and η, we predict a relationship between
the quality of fit of the MAC model, as given by the ra-
tio
MFiBY(<rf )
MDMO(<ri)
, and η, such that
MFiBY(< rf )
MDMO(< ri)
=
1
A
η1−B . (A5)
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APPENDIX B: INSTANTANEOUS BLOWOUT
We show here how the model of Pontzen & Governato (2012)
does not always imply a net energy gain, if the potential be-
comes deeper than it was initially due to additional inflow of
baryons via cosmic accretion. We follow the simple analytic
model in their Section 3, that of a 1D spherically symmetric
power law potential:
V (r; t) = V0r
n. (B1)
We assume that the normalization constant, V0 is only a
function of time, and not space. If we allow the potential to
change such that V1 = V0 + ∆V0, then the expected value
for the energy after the change is E1 = E0 + ∆E1, where
the expected value of the change in energy is given by their
equation 3:
〈∆E1〉 = 2E0
2 + n
∆V0
V0
. (B2)
If the potential switches immediately by some fraction α of
its initial change, then we can calculate the total shift in
energy as follows. Letting ∆V1 = −α∆V0, then the fraction
α propagates through as a simple pre-factor to equation 5
of Pontzen & Governato (2012). Taylor expanding and sim-
plifying, we get the final total energy as
〈Ef 〉 ' E0+(1−α) 2E0
2 + n
∆V0
V0
+α
2nE0
(2 + n)2
(
∆V0
V0
)2
. (B3)
In the case where n < 0, E0 < 0 for bound orbits and hence
the third term is always positive. In cases where α = 1 then
the final total energy is always larger than the initial energy.
However, when α > 1, the second term is negative (assuming
V0 < 0) and can dominate the change in energy, leading to
a system more bound than its initial configuration. This
requires
α− 1
α
>
n
2 + n
(
∆V0
V0
)
. (B4)
For the Keplerian case of n = −1, and assuming that ∆V0
V0
=
−0.1, we find that α > 1.11 to have a net drop in expected
value of the final energy.
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